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ABSTRACT

Protostellar outflows are a ubiquitous signpost of star formation. Even the young-
est and most embedded sources launch outflows that entrain ambient core mater-
ial, significantly altering the whole accretion phase of protostars. Thereby outflows
reduce the star formation efficiency and determine the finial stellar mass. By ex-
tracting angular momentum outflows allow the stars to accrete mass from their
surrounding accretion discs. In the case of low-mass star formation, outflows are
considered to be the most important feedback mechanism. Observations of long
chains of outflow bullets show that outflow feedback is episodic rather than con-
tinuous. How episodic outflow feedback impacts the evolution and outcome of star
formation is still not fully understood. This thesis contains three publications ad-
dressing the impact of episodic outflow feedback on the star formation process and
the fossil information carried by the outflows. Using an episodic, sub-grid outflow
model in a total of 111 numerical smoothed particle hydrodynamics simulations are
performed to follow the star formation process through the early stages. These sim-
ulations contain a resolution and parameter study showing that episodic outflow
feedback is highly self-regulating. Episodic protostellar outflows entrain about ten
times their initially ejected mass, thereby approximately halving the star formation
efficiency, resulting in a shifted stellar initial mass function. Protostellar outflows
affect how the stars accrete by promoting disc accretion over radial accretion. The
promoted disc accretion enhances the fraction of equal-mass twin binaries to a frac-
tion in good agreement with observations. Simulations without outflow feedback
form more stars and higher-order multiple systems, which predominantly break
apart into binary systems. Outflow feedback enhances the stability of higher-order
multiple systems such that the resulting multiplicity statistics are in good agree-
ment with observations. Since the accretion of gas and the launching of outflows
are highly connected, protostellar outflows carry fossil records of the launching pro-
tostar’s accretion history. Hubble wedges in position-velocity diagrams correspond
to episodically ejected outflow bullets that have not yet interacted with the cavity
wall. Using the kinematic information carried by the outflow and especially by
the bullets, it is possible to estimate stellar accretion rates. Dynamical ages of out-
flows and individual bullets give an estimate of the protostellar age and a history
of outburst events. The outflow opening angle and activity help to differentiate
between evolutionary stages. This information combined allows a reconstruction
of the launching protostars accretion history. Episodic outflows significantly shape
the evolution and morphology of the star formation process and should therefore
be considered when studying star formation.



ZUSAMMENFASSUNG

Protostellare Ausflüsse, Outflows genannt, sind ein eindeutiges Zeichen aktiver
Sternentstehung. Selbst die jüngsten und eingebettetsten Protosterne stoßen Out-
flows aus, die umgebendes Kernmaterial mitreißen und so die gesamte Akkretions-
phase von Protosternen erheblich beinflussen. Auf diese Weise reduzieren Outflows
die Effizienz der Sternentstehung und bestimmen die finale Sternmasse. Durch die
Extraktion von Drehimpuls ermöglichen Outflows den Protosternen Masse aus ih-
ren umgebenden Scheiben zu akkretieren. Bei massearmer Sternentstehung gelten
Outflows als der wichtigste Feedback Mechanismus. Beobachtungen langer Ket-
ten von Ausflusskugeln, engl. Outflow Bullets, zeigen, dass Outflow Feedback eher
episodisch als kontinuierlich ist. Wie episodische Outflows den Prozess der Stern-
entstehung und dessen Ausgang im Detail beeinflusst, ist noch umstritten. Die-
se Arbeit enthält drei wissenschaftliche Publikationen, die sich mit der Auswir-
kung von episodischem Outflow-Feedback auf den Sternentstehungsprozess und
die fossilen Informationen, die von den Outflows mitgetragen werden, beschäf-
tigen. Unter Verwendung eines episodischen Outflowmodells werden insgesamt
111 numerische "Smoothed Particle Hydrodynamic" Simulationen durchgeführt,
um den Sternentstehungsprozess durch die ersten Phasen zu verfolgen. Diese Si-
mulationen beinhalten eine Auflösungs- und Parameterstudie, wobei die Letztere
zeigt, dass episodisches Outflow Feedback in hohem Maße selbstregulierend ist.
Episodische protostellare Outflows reißen etwa das Zehnfache ihrer ursprünglich
Masse mit sich, wodurch sich die Sternentstehungseffizienz ungefähr halbiert, was
zu einer verschobenen stellaren Anfangsmassefunktion führt. Outflows beeinflus-
sen, wie die Sterne akkretieren, indem sie die Scheibenakkretion gegenüber der
radialen Akkretion fördern. Ein höherer Anteil an Scheibenakkretion erhöht den
Anteil der Zwillingssterne mit fast gleicher Masse, sodass dieser gut mit Beobach-
tungen übereinstimmt. Simulationen ohne Outflow Feedback bilden mehr Sterne
und Mehrfachsysteme höherer Ordnung, welche überwiegend zu Doppelsternsy-
stemen auseinanderbrechen. Outflow Feedback erhöht die Stabilität von Mehrfach-
systemen höherer Ordnung, sodass die resultierende Vielfachheitsstatistik in guter
Übereinstimmung mit Beobachtungen ist. Da die Akkretion von Gas und das Emit-
tieren von Outflows eng miteinander verknüpft sind, tragen protostellare Outflows
die Akkretionsgeschichte des emittierenden Protosterns mit sich. Hubble-Wedges in
Positions-Geschwindigkeits Diagrammen entsprechen episodisch emittierten Out-
flow Bullets, die noch nicht mit der Hohlraumwand interagiert haben. Mit Hilfe
der kinematischen Informationen, die der Outflow und insbesondere die Bullets
tragen, ist es möglich, stellare Akkretionsraten abzuschätzen. Mittels dynamischer
Alter der Outflows lässt sich das Alter der Protosterne abschätzen. Der Öffnungs-
winkel und die Aktivität des Outflows helfen bei der Unterscheidung zwischen
Entwicklungsstadien. Diese Informationen kombiniert erlauben die Rekonstruktion
der Akkretionsgeschichte des Protosterns. Episodische Outflows prägen maßgeb-
lich die Entwicklung und Morphologie des sternentstehungs Prozess und sollten
daher bei deren Untersuchung berücksichtigt werden.
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INTRODUCTION

Since the dawn of time, we are bothered by the question of how these bright lights
in the sky got there in place. For a long period, it was believed that the gas forming
a star simply collapses under its own gravity, knowing just one direction – towards
the forming star. During the last few decades, the discovery of bright spots, called
"Herbig-Haro objects", strung on a long chain that emerges from the forming star,
questioned this picture. It turns out that the simple picture of a one-way road to
star formation is not appropriate, and instead, a large fraction of gas approaching
the star is re-ejected in energetic and often parsec scale out�ows.

If we want to understand the process of star formation, it is essential to take
stellar feedback into account, especially protostellar out�ows. Protostellar out�ow
feedback, albeit being the least energetic, is the �rst rung on a ladder of different
feedback mechanisms. Basically all stars launch protostellar out�ows from their
earliest moment of birth. Thereby protostellar out�ows regulate the star forma-
tion process by ejecting and entraining a signi�cant fraction of gas that otherwise
would end up in the star and therefore decisively in�uence the distribution of stellar
masses that we observe today. The gas that actually accretes onto the protostar does
so because out�ows carry away angular momentum from the star-disc system. This
accretion process turns out to be highly episodic, causing the out�ow to be episodic
too. The episodic ejection of gas manifests as individual out�ow bullets, which can
be observed as long chains of Herbig–Haro objects. The spacing and kinematics
of these bullets might carry fossil information of the launching protostars accretion
history.

This thesis contains three scienti�c publications that discuss the morphology
and importance of protostellar out�ow feedback in low-mass star formation. In
this chapter, I will introduce the reader to the star formation process, following the
collapse from �laments to dense cores and down to the protostellar embryo. There,
I will describe how the gas accretes onto the young protostar via an accretion disc,
focusing on episodic accretion bursts. I will discuss current theories on how this
accretion process causes the ejection of protostellar jets and winds, as well as their
morphology and impact on the larger scale envelope.
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1.1
Core collapse

Star formation occurs in dense cores, which tend to be concentrated in �laments
(Shu & Adams, 1987; André et al., 2014; Könyves et al., 2020; Beuther et al., 2021;
Zhang et al., 2021). Filaments are elongated, often parsec long, dense gas struc-
tures that form from a larger scale clump or molecular cloud (Vázquez-Semadeni
et al., 2019). Prestellar cores might form through fragmentation along the �lament
(Könyves et al., 2015) or especially clustered at junction points of multiple �laments
or sub-�laments (Clarke et al., 2020; Zhang et al., 2020). The distribution of core
masses can be described with the core mass function (CMF), which has a power-
law tail towards high mass cores (O'Neill et al., 2021; Takemura et al., 2021). The
forming prestellar cores are rather spherical compared to the elongated �laments,
and their density distribution can be approximated by a Bonner–Ebert sphere (Bon-
nor, 1956; Ebert, 1957; Vázquez-Semadeni et al., 2019; Könyves et al., 2020). If these
cores become Jeans unstable,

Mc > M jeans =

s
1
r c

�
k Tc

G m

� 3

, (1.1)

they start to collapse due to self-gravity and eventually form stars (Jeans, 1902).
Here, G is the gravitational constant, mthe mean mass of a molecule andM jeans the
corresponding Jeans mass. The core properties,Mc , r c , and Tc denote the core's
mass, density and temperature.

The process of forming a young protostar out of a dense core covers an enormous
range of physical scales. A prestellar core with a typical size of 0.01 - 0.1 pc collapses
into a stellar object with a typical size of a few R � � 10� 8 pc. Similarly, the density
increases from the typical core density of 10� 19 g cm� 3 to about 10� 2 g cm� 3 in the
protostar. This evolution can be divided into three phases (Larson, 1969). The
�rst phase, called "isothermal collapse", covers the density regime of 10� 19 g cm� 3 to
10� 13 g cm� 3. During this collapse, gravitational potential energy that is converted
to thermal energy via compression is radiated away, mostly by dust grains and
hydrogen molecules (Schulz, 2012). Since the density is low, the core is optically
thin to far infrared dust cooling, and the radiation can escape from the core. Thus,
the core is approximately isothermal and the temperature stays almost constant at
10 K. Since the thermal energy is radiated away, there is no signi�cant pressure
gradient that could stop the core from contracting, resulting in an almost free-fall
collapse.

This runaway collapse remains as long as the gas is able to radiate away the en-
ergy released by contraction (Ward-Thompson & Whitworth, 2011). Once densities
exceed 10� 13 g cm� 3, the gas becomes optically thick, and the cooling radiation can
no longer be radiated away (Larson, 1969). Since the radiation is trapped, the gas
heats up, which causes a pressure gradient, eventually balancing gravity. This object
in hydro-static equilibrium is then called a "�rst core" (Fig. 1). Envelope gas contin-
ues to fall onto the �rst core with almost free-fall velocity causing a shock front at
the boundary layer. While the mass of the �rst core grows, its radius decreases.

The second phaseis called "adiabatic collapse" since the �rst core now contracts
adiabatically

T µ r gactual � 1 (1.2)
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with an adiabatic index gactual � 5/3. An adiabatic index of gactual > 4/3 is
needed to stabilise the core. As the temperature rises, the H2 rotational and vibra-
tional degrees of freedom become exited, lowering gactual to � 7/5 (Bodenheimer,
2011; Arce & Sargent, 2004) (Fig. 1). The adiabatic contraction phase continues until
the central density reaches � 10� 8 g cm� 3.

Figure 1: Central temperature against central
density for a collapsing 1 M � core with 3000 AU
radius. The different phases of the core collapse,
as well as the formation of the �rst and second
core are highlighted. The �gure is taken with the
permission from the Springer-Nature publisher
from Rosen et al. (2020), based on Bhandare et al.
(2018).

When the central temperature
exceeds 2000 K, H2 starts to
dissociate. The dissociation en-
ergy of H 2 is 4.48 eV, a mul-
tiple of the thermal energy of
0.25 eV at T = 2000 K (Bod-
enheimer, 2011). Energy re-
leased by the contraction is al-
most completely spent to dis-
sociate H2. Therefore, the tem-
perature rises only slowly with
a gactual � 1.1 below the
critical value of 4/3 (Schulz,
2012). Similar to the iso-
thermal phase, the pressure
gradient can no longer balance
gravity, and the central region
of the �rst core collapses a
second time. The second col-
lapse is much shorter than the
isothermal collapse phase, a
few hundred years compared
to some 104 years, and ends
when almost the entire H 2 in
the central region is dissociated
at a density of � 10� 5 g cm� 3

(Rosen et al., 2020). The resulting dense object within the �rst core is called the
"second core", surrounded by a second shock front.

As the molecular hydrogen starts to deplete, the adiabatic index rises to gactual =
5/3, and the second core reaches hydro-static equilibrium again. As the gas of the
�rst core falls onto the second core, the second core expands, and the �rst shock
front disappears (Larson, 1969). At the same time, the temperature of the second
core exceeds 2� 104 K and Hydrogen starts to ionise. The ionisation again causes
the adiabatic index to decrease, but not below the critical value of g = 4/3 (Larson,
1969). Thus the core stays in hydro-static equilibrium and does not undergo a third
collapse phase. By the time the hydrogen is almost completely ionised, the �rst
core is mostly depleted and the second core has reached a density of 10� 2 g cm� 3

and a mass of � 0.01 M� (Bodenheimer, 2011). Vaytet & Haugbølle (2017) �nd,
using a grid of 1D simulations, that the formation of the �rst and second core is
not signi�cantly altered by varying density distributions and core masses of up to
8 M � .

The second core now enters the third phase, called "accretion phase", where it
accretes the greatest part of its �nal mass. During this phase, the forming star's
energy is dominated by contraction and accretion, which is radiated away from the
surface (Bodenheimer, 2011). Dust grains in the envelope absorb and re-emit the
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radiation of the star, which is now observable in the infrared regime (Larson, 1969).
From now on, the second core is referred to as a protostar until hydrogen-burning
sets in and the star formation process is completed. Since the outer parts of the en-
velope are, till now, almost unaffected and still at low densities of � 10� 19 g cm� 3,
the accretion phase takes a few 105 years to complete (Evans et al., 2009).

1.2
Accretion disc

Collapsing cores generally have some level of initial turbulence and have therefore a
net rotation associated with angular momentum (Gaudel et al., 2020). This rotation
does not signi�cantly alter the collapse and formation of the �rst core (Schulz, 2012),
as described in the previous section, except for slowing down the collapse (Tomida
et al., 2013). However, what signi�cantly changes is how the protostar accretes
gas from the envelope. Around the time of the second core formation, the �rst
core condensates into an accretion disc around the central protostar due to angular
momentum conservation (Gaudel et al., 2020; Xu & Kunz, 2021). These accretions
discs are often observed to be differentially rotating with a velocity pro�le close to
Kepler rotation (e.g. Hone et al., 2019; Yen et al., 2019; Reynolds et al., 2021)

u(r) =

r
G M?

r
. (1.3)

Here, M? is the mass of the central object, and r is the radius in the disc. Accre-
tion onto the star occurs mostly via the accretion disc as the gas spirals inwards
(Dunham et al., 2014).

Accretion discs play an essential role in redistributing the angular momentum
of the inwards spiralling gas to the accretion disc's outskirts and, therefore, allow
the central protostar to accrete. One of several mechanisms to redistribute angular
momentum are gravitational instabilities. The Toomre Q parameter (Toomre, 1964)

Q =
cs k

p G S
(1.4)

is an indicator of how prone a differentially rotating disc is to gravitational in-
stabilities. Here, cs is the sound speed, k the epicyclic frequency (equivalent to the
angular frequency for Keplerian rotation) and S is the surface density of the disc.
The colder and denser the disc, the lower the Toomre Q parameter and the higher
the chance for gravitational instabilities. Toomre Q parameter between 1.3 and 1.5
are associated with spiral waves, which ef�ciently redistribute angular momentum
due to gravitational torques (Schulz, 2012; Lee et al., 2020; Xu & Kunz, 2021). This
allows the disc to accrete mass onto the star and therefore to stabilise. If Q never-
theless falls below Q = 1, the accretion disc might fragment, eventually leading to a
multiple system or a planetary companion.

Typical collapsing cores are not only rotating but they are also threaded by mag-
netic �elds (Troland & Crutcher, 2008; Kandori et al., 2018). Numerical magneto-
hydrodynamics (MHD) simulations have found that magnetic �elds profoundly
impact the formation of accretion discs (Wurster & Li, 2018). The earliest simula-
tions only consider ideal MHD where �eld lines are perfectly frozen into the gas
leading to the "magnetic braking catastrophe" (Li et al., 2014). When also ignoring
turbulence, magnetic braking is so ef�cient in removing angular momentum that,
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depending on the magnetic �eld strength, no disks at all or only small ones form
(Seifried et al., 2011; Commerçon et al., 2012; Bate et al., 2014).

However, accounting for non-ideal MHD effects and using less idealised initial
conditions mitigate the magnetic braking catastrophe to some extent. Non-ideal
MHD effects, such as Hall effect, Ohmic resistivity, and ambipolar diffusion, reduce
the ef�ciency of magnetic braking (see the reviews by Li et al., 2014 and Wurster &
Li, 2018). Turbulence and the resulting misalignment of the magnetic �eld with the
angular momentum axis further reduce the ef�ciency of magnetic braking (Seifried
et al., 2013, 2015; Wurster et al., 2016; Gray et al., 2018; Wurster & Li, 2018; Wurster
et al., 2019). Combining non-ideal MHD and, more importantly, less idealised ini-
tial conditions, Wurster et al. (2019) �nd that accretions discs of 10 - 80 AU form
independent of the initial magnetic �eld strength. Maury et al. (2019) �nd that ob-
served discs are rather small during their early evolution, with most discs being
smaller than 60 AU, favouring collapse models that include magnetic �elds.

Once the accretion disc has formed, magnetic �elds stabilise the disc against
gravitational instabilities. Therefore, the Toomre Q parameter (Eq. 1.4) is modi�ed
to account for magnetic �elds (Kim & Ostriker, 2001; Wurster & Bate, 2019)

Qm =
k

p
c2
s + u2

a

p G S
. (1.5)

Here, ua is the Alfvén velocity. If the accretion disc's inner parts are suf�ciently ion-
ised, magnetic �elds might trigger the magnetorotational instability (MRI), which
transports angular momentum outwards (Velikhov, 1959; Chandrasekhar, 1960; Stone
et al., 2000; Audard et al., 2014). Another mechanism associated with magnetic
�elds that rearranges angular momentum in the accretion disc are protostellar
winds and jets. The launching mechanism of winds and jets are discussed in Section
1.4.

1.3
Episodic accretion

During the protostellar phase, a signi�cant fraction of the stellar luminosity is due
to accretion luminosity. Observations show that average accretion rates inferred
from the luminosity of protostars does not match with typical stellar masses and
accretion time scales (Kenyon et al., 1990; Kenyon & Hartmann, 1995; Evans et al.,
2009). Assuming typical stellar masses and accretion time scales, the accretion lu-
minosity of a 0.25 M � star with the size of 3 R � would be � 25 L� , much higher
than the median luminosity observed (Dunham et al., 2014). The other way around,
accretion rates inferred by the observed luminosities of � 10� 7 M � yr � 1 are too low
to reach typical stellar masses during the deeply embedded phase (Dunham et al.,
2014). A possible solution to this so-called "luminosity problem" is that the accre-
tion onto protostars is not continuous, but episodic (Kenyon & Hartmann, 1995). A
scenario where a signi�cant fraction of the stellar mass is accreted in short bursts
could explain why most of the stars are usually observed to have low luminosities
and still grow to typical stellar masses in a reasonable amount of time.

Today, there is considerable evidence that accretion onto protostars is indeed
episodic. Protostars that undergo the most prominent accretion bursts are called
"FU Orionis" (FUor) stars. FUors are observed to undergo some ten years lasting
accretion bursts where their accretion rate quickly rises to a few 10 � 4 M � yr � 1,
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followed by a 10 3 � 104 years lasting quiescent phase with typical accretion rates of
� 10� 7 M � yr � 1 (Audard et al., 2014; Safron et al., 2015; Fehér et al., 2017; Takami
et al., 2019; Pérez et al., 2020; Takagi et al., 2020). FUors' more frequent and less
intense outbursting counterparts are called "EXors" (Stock et al., 2020). EXors quasi-
periodically undergo phases of high accretion every few years, albeit there is no
clear distinction between the two classes (Audard et al., 2014).

By observing the same source over several years, it is possible to study the bright-
ening and fading due to episodic accretion bursts (Hillenbrand et al., 2018; Fischer
et al., 2019; Szegedi-Elek et al., 2020; Takagi et al., 2020; Hillenbrand et al., 2021).
Lucas et al. (2020) �nd a low-mass Class I protostar that between 2004 and 2019
shows a strong outburst with luminosity rising to some 10 2 L � corresponding to
an accretion rate of 10� 4 M � yr � 1. In 2019 the burst was already fading, indicating
a duration of the burst of at least 13 years.

An indirect method of con�rming episodic accretion is by studying the chemical
composition of the protostellar envelope. Simulations suggest that the luminosity
burst have a long-lasting impact on the chemical composition by sublimating mo-
lecules from the dust grains and expanding the so-called "snow line" to larger radii
(Rab et al., 2017; Molyarova et al., 2018; Vorobyov et al., 2018). Observations of CO
isotopologues and the H 2O snow lines con�rm this behaviour (Hsieh et al., 2018,
2019; Sharma et al., 2020). Using chemical modelling, Anderl et al. (2020) suggest
that the chemical abundances of C19O and N 2H+ around the very low luminosity
object IRAM 04191+1522 can be explained by an increase of the present-day lumin-
osity by a factor of 150 a couple of hundred years ago. Another indirect signpost of
episodic accretion is the spacing and dynamics of episodic out�ow bullets (Sicilia-
Aguilar et al., 2020; Nony et al., 2020). Episodic out�ow bullets and how to predict
the corresponding accretion bursts will be discussed in Section 1.5 and Paper III.

Episodic accretion bursts might play a signi�cant role in regulating the frag-
mentation of accretion discs (Audard et al., 2014). If the cooling time scale of the
accretion disc is comparable to or smaller than the time between outbursts, the ac-
cretion disc is prone to fragmentation (Stamatellos & Whitworth, 2009). Once a
companion star formed, the time scale between outbursts is reduced, and further
fragmentation is reduced (Stamatellos et al., 2012). Lomax et al. (2014, 2016) �nd
that episodic accretion is necessary to reproduce the observed ratio of brown dwarfs
to H-burning stars as well as the correct position of the peak of the stellar initial
mass function (IMF).

The relative importance of various possible outburst triggers is still highly de-
bated. One of these suggested trigger mechanisms is the thermal instability. Sup-
pose a massive planet in the accretion disc blocks the gas from reaching the central
protostar, then mass piles up in front of the planet. This compressed gas heats up,
which might trigger the thermal instability, allowing the gas to bypass the planet
(Audard et al., 2014).

Similarly, the combination of MRI and Gravitational instabilities (GI) can func-
tion as an outburst trigger (Kadam et al., 2020). GIs allow the gas to spiral inwards
from the outskirts of the accretion disc (Machida & Basu, 2019). The gas potentially
piles up in the inner part of the accretion disc and heats up. Once the temperate
is high enough to cause ionisation, the MRI triggers. If active, the MRI effectively
transports angular momentum outwards and allows the gas to pass the innermost
few AU, causing a rapid outburst (Audard et al., 2014). Zhu et al. (2009a,b, 2010)
develop a model that assumes the MRI to be the trigger for FU-Orion like epis-
odic accretion bursts. Building upon this model, Stamatellos et al. (2012) develop a
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sub-grid model emulating the episodic accretion behaviour of FUors, which will be
used in this work.

Another possible outburst trigger mechanism is disc fragmentation (Vorobyov &
Basu, 2015). If the Accretion disc is gravitationally unstable with a Toomre Q value
< 1, then the disc might fragment in addition to forming spiral arms. Especially
in the early phase, these fragments often do not survive and are instead accreted
onto the protostar, causing a massive outburst (Audard et al., 2014). Observations
by Takami et al. (2019) and Sharma et al. (2020) favour the fragmentation trigger
mechanism.

All the outburst trigger mechanism discussed so far are caused by instabilities
in the accretion disc. These instabilities might also be triggered externally, such
as by the accretion of a gas clump onto the accretion disc (Kuffmeier et al., 2018),
the interaction with a close binary star (Kuruwita et al., 2020) or the �yby of a
star in a star cluster (Cuello et al., 2020). All of these trigger mechanisms might
cause luminosity outbursts as observed in FUors – to distinguish between them and
study which mechanism might dominate in certain environments is one of today's
open topics. Vorobyov et al. (2021) perform numerical simulations with different
accretion burst trigger and �nd that deviations from a Keplerian disc might allow
distinguishing between different trigger mechanism.

1.4
Outflow launching

During gravitational collapse, magnetic �eld lines threading the initial core are
dragged with the inwards moving gas in an hourglass shape (Schleuning, 1998;
Maury et al., 2018). These magnetic �elds play an essential role in launching pro-
tostellar out�ows. The details of how protostellar jets and winds are launched are
still debated. However, the consensus is that gravitational potential energy is con-
verted into kinetic energy via magneto-centrifugal acceleration (Frank et al., 2014;
Lee, 2020).

Blandford & Payne (1982) propose a mechanism how ordered magnetic �elds
threading an accretion disc might launch disc-winds. There, the magnetic �eld
line's footpoints are frozen in the accretion disc and rotate with it. Due to the
hourglass shape, the �eld lines bend towards the outer end of the accretion disc.
Particles are dragged along these �eld lines and behave like "beads on a rigid wire".
If the angle between the �eld lines and the rotation axis is larger than 30 � , the
particles are accelerated centrifugally. However, Seifried et al. (2012) showed that
the 30� angle is not a strict threshold. At larger distances from the driving source,
the ejected gas inertia causes the �eld lines to become increasingly toroidal. The
resulting pressure gradient then further collimates the disc-wind (Seifried et al.,
2012).

Since the angular velocity stays constant while the particles move along the
"wire", they carry away angular momentum. This is especially important since
the angular momentum extracted from the disc allows the gas in the disc to ac-
crete onto the protostar, thus mitigating the "angular momentum problem" (Bod-
enheimer, 1995; Matt & Pudritz, 2005; Ward-Thompson & Whitworth, 2011). Re-
cent observations �nd signs of rotation in out�ows and therefore corroborate the
magneto-centrifugal driven wind model (Chen et al., 2016; Zhang et al., 2016; Lee
et al., 2017; Tabone et al., 2017; Hirota et al., 2017; Louvet et al., 2018; Zhang et al.,
2018; López-Vázquez et al., 2020; de Valon et al., 2020; Tabone et al., 2020). Lee et al.
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Figure 2: Zooming in on the HH 212 out�ow. Panel (a) shows the out�ow on parsec
scale (Reipurth et al., 2019). (b) Zooming in to individual out�ow bullets and the
leading shock front (McCaughrean et al., 2002). (c) The jet and bullets traced by
SiO and CO (McCaughrean et al., 2002; Lee et al., 2015). (d) Accretion disc and the
central 1000 AU of the jet (Lee et al., 2017). (e) Zooming in on the accretion disc with
arrows indication the direction of rotation (Lee et al., 2017). This composite work is
taken from Lee (2020) with the permission from the Springer-Nature publisher.

(2017) �nd a magnetic lever arm in HH 212 (Fig. 2), the ratio of speci�c angular
momentum in the jet and launching region, of l � 3.2.

In the magneto-centrifugal wind model, the ejection velocity is a few times the
Keplerian velocity at the launching region, decreasing with larger launching radii
(Bally, 2016). Models that assume this kind of magneto-centrifugal out�ow driving
mechanism, operating in an extended region up to large disc radii, are called "disc-
wind" models. Disc-wind models have been studied and extended, e.g. to account
for non-ideal MHD effects and the magneto-rotational instability, by numerous au-
thors (Wardle & Koenigl, 1993; Li, 1995, 1996; Ferreira, 1997; Casse & Ferreira, 2000;
Salmeron et al., 2007; Königl et al., 2010; Leung & Ogilvie, 2020). Recent obser-
vations �nd signs of disc-wind launching (Zhang et al., 2018; Jiménez-Serra et al.,
2020; Moscadelli et al., 2021), suggesting launching radii of a few AU (Moscadelli
et al., 2021).

Next to the disc-wind models, there is a second model called "X-winds" (Shu
et al., 1994; Mohanty & Shu, 2009). In contrast to disc-winds, X-winds are launched
in a narrow region of the inner accretion disc (Frank et al., 2014). Ghosh & Lamb
(1978) argue that the accretion disc is truncated at the co-rotation radius where the
angular velocity of the accretion disc equals the angular velocity of the protostel-
lar surface (Fig. 3). The accretion onto the protostar instead occurs via funnel �ows
along closed �eld lines (Fig. 3). These funnel �ows are anchored at the stellar surface
in so-called "hot-spots" (Fig. 3), covering up to 10% of the protostellar surface (Aud-
ard et al., 2010; Lorenzetti et al., 2012). Koenigl (1991) suggests that these funnel
�ows ef�ciently transport angular momentum into the inner parts of the accretion
disc and therefore allow the protostar to stay below the break-up angular velocity.
Shu et al. (1994) combine these funnel �ows with the magneto-rotational launching
model to the X-wind model. On the one hand, the gas at the co-rotation radius
gains angular momentum through the funnel �ows and therefore moves outwards.
On the other hand, gas at the footpoints of the magnetic �eld lines, associated with
magneto-rotational launching (Fig. 3), lose angular momentum and move inwards.
Shu et al. (1994) �nd a steady-state solution where both effects balance each other.
Consequently, gas and �eld lines become squeezed into a small region at the inner
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truncation radius, called "X-region" (Fig. 3; Shu et al., 2000). The X-region is expec-
ted to be � R� wide at the disc inner truncation radius of � 10 R� corresponding
to � 0.05 AU (Cai, 2009).

Figure 3: Sketch of the X-wind launching model
based on �gure 1 from Shu et al. (2000) show-
ing the funnel �ows onto the protostar and the
X-winds being launched.

To determine whether the
disc-wind or X-wind model
is the main out�ow launch-
ing mechanism is one of the
current central challenges (Lee
et al., 2000). Since in the X-
wind model jets are launched
at smaller radii than in the
disc-wind model, both mod-
els predict a different amount
of speci�c angular momentum
carried away by the out�ow.
Recent high-resolution stud-
ies are able to measure the
angular momentum in out-
�ows and eventually differen-
tiate between both launching
models by estimating a launch-
ing region (Anderson et al.,
2003). However, none of the

models can be ruled out so far. Lee et al. (2017) �nd for the jet in HH 212 (Fig.2)
launching region of � 0.04 AU, as predicted by the X-wind model, whereas Mo-
scadelli et al. (2021) �nd for an out�ow in IRAS 21078+5211 a launching radius of
� 2.2 AU, corresponding to the disc-wind model.

Some out�ow observations can not be explained with a fast collimated jet alone
(Lee et al., 2002; Arce & Sargent, 2004; Sicilia-Aguilar et al., 2020). Arce et al. (2007)
suggest a combination of a collimated high-velocity jet and a low-velocity wide-
angle disc wind. Shang et al. (2006, 2020) present a model that combines the char-
acteristics of a collimated jet with a wide-angle wind, based on the X-wind model.
Both the X-wind and the disc-wind launching mechanism predict some kind of
low-velocity wide-angle wind (Lee, 2020). In the X-wind model, these winds are
also generated in the X-region at the inner edge of the accretion disc. In contrast,
the disc wind model predicts that these wide-angle winds are generated further out
in the disc.

At suf�ciently large distances from the launching point, Shu et al. (1995) show
that the in spherical coordinates almost radially ejected X-wind becomes collim-
ated. The density distribution of the X-wind approaches a cylindrical con�guration
proportional to

r w µ 1 / (r sin(q)) 2 , (1.6)

where r w is the density of the wind and q the angle of the �ow with respect to
the axis. Matzner & McKee (1999) show that this is not only the case for X-winds,
but for any momentum conserving MHD wind in a power-law density distribution.
Moreover, they show that these winds naturally resemble the mass-velocity rela-
tion's power-law exponent of g = � 2, close to the observed value of g = � 1.8
(Arce et al., 2007; Liu et al., 2017). Assuming that the wind is ejected almost radially
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it follows from Eq. 1.6 that

r wu2
w µ 1 / (r sin(q)) 2 , (1.7)

with uw being the wind velocity. Matzner & McKee (1999) argue that the angular
force distribution, P(m), must be �at for m ! 0 and therefore approximate the
distribution with

P(m) '
1

ln (2/ q0) (1 + q2
0 � m2)

, (1.8)

where q0 is a parameter over which the distribution is �attened and m = r cos(q).
This so called "wind-driven shell" model has been adapted by numerous authors
in sub-grid models to eject out�ows at a suf�ciently large distance from the actual
launching point (e.g. Cunningham et al., 2011; Offner & Arce, 2014; Kuiper et al.,
2015; Tanaka et al., 2018; Grudić et al., 2020, orPaperI).

1.5
Outflows

Despite the huge progress that has been made in understanding protostellar out-
�ows since their �rst observations (e.g. Snell et al., 1980), there still remain many
challenges. The launching of out�ows and how they interact with their environ-
ment, e.g. by disrupting the core, are still not fully understood. A better under-
standing of out�ows becomes even more desirable considering that out�ows are
ubiquitous (Frank et al., 2014; Bally, 2016; Podio et al., 2020). Out�ow feedback is
observed for almost all protostars, starting as early as Class 0 when the accretion
rates are high (Hirano et al., 2010; Plunkett et al., 2015; Busch et al., 2020; Vazzano
et al., 2021) and continuing until the early Class II phase when accretions rates
diminish (Lee, 2020). Out�ows are observed for all protostellar masses from low-
mass brown dwarfs (Riaz et al., 2017; Whelan et al., 2018; Riaz & Bally, 2021) up to
massive stars where out�ows are assumed to be a scaled-up version of their low-
mass counterparts (Carrasco-González et al., 2010; Ellerbroek et al., 2013; Caratti o
Garatti et al., 2015; Kölligan & Kuiper, 2018; Rodríguez et al., 2021).

Protostellar out�ows consist of multiple components. The central part of the out-
�ow is the collimated jet. The jet reaches extremely high velocities of 50 - 160 km s � 1

during the Class 0 phase and up to several 100 km s� 1 at later stages (Anglada et al.,
2007; Hartigan et al., 2011; Bally, 2016; Lee, 2020). The collimated jet associated with
HH 212 (Fig. 2) has a velocity of 100 � 200 km s� 1 (Podio et al., 2015). These high
velocities indicate that the jet is launched from the innermost part of the accretion
disc, either through the disc-wind or X-wind launching mechanism (Section 1.4).

During the Class 0 phase, jets are mostly molecular and observed in infrared
molecular line emission from CO, SiO, SO, H 2, H2O, and HO (Arce et al., 2007;
Frank et al., 2014; Bally, 2016). As SiO is a dense shock tracer it allows one to study
the launching and collimation zone at the innermost 10 4 AU (Lee, 2020). The jet's
molecular abundances are higher than in the envelope (Lee et al., 2018; Bjerkeli
et al., 2019). One possible explanation for these high molecular abundances is that
in the launching region, elements such as C, Si, S and O are released from the
grains and then, once ejected, quickly form molecules due to the high jet densities
(Glassgold et al., 1991; Millan-Gabet et al., 2007). During the Class I and II phases,
the jet becomes increasingly atomic (Sperling et al., 2021), and the ionisation fraction
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increases. Therefore, the more evolved jets are usually traced by O, Ha, SII, NII and
OI. Close to the launching region, the jets are ionised and therefore radiate free-free
emission at centimetre wavelength (Anglada et al., 2018; Lee, 2020).

Protostellar jets are often observed to be surrounded by low-velocity wide-angle
winds (Zhang et al., 2016; Maud et al., 2018; Zhang et al., 2019; Fernández-López
et al., 2020; Pascucci et al., 2020; Zinchenko et al., 2020; Jhan & Lee, 2021). These
winds have typical velocities of up to 50 km s � 1 (Zhang et al., 2019) and are less
dense and collimated than the jet component. Hirota et al. (2017) and Louvet et al.
(2018) �nd, using CO and SiO observations, low-velocity wide-angle winds with
associated launching radii of � 20 AU. Wide-angle disc winds that are launched
further out in the accretion disc remove angular momentum there and allow the
gas to reach the jet component's launching region (Lee et al., 2021, or the review
by Lee, 2020). Podio et al. (2020) �nd an onion-like shell structure around the jet,
where the inner � 10� are traced by SiO, the intermediate � 10� - 15� are traced
by SO, surrounded by a layer of CO up to � 25� , similar to the results by Tabone
et al. (2017). Lee et al. (2021) observe in HH 212 (Fig. 2) a rotating wide-angle disc
wind in SO, interacting with the central jet component. This wide-angle disc wind
is launched at radii between � 4 and 40 AU in the accretion disc (see also Tabone
et al., 2020). Zhang et al. (2017, 2019) detect signs that the wide-angle wind in the
HH 46/47 out�ow is episodic, similar to the collimated jet .

In the region where the jet hits the ambient medium a leading bow shock forms
(Cerqueira et al., 2021). At the far side of the bow shock, a forward shock accel-
erates, compresses and heats the ambient medium. Where the jet hits the bow
shock, a reverse shock front forms that decelerates, compresses and heats the jet
material (Bally, 2016). The working surface in between these two shocks is dense
and hot (Cerqueira et al., 2021). Depending on the shock velocity and density, the
bow shock can be observed with ionised species, such as [SII], [OI], [OII] and [OIII]
(Bally, 2016), or with dense shock tracers, such as SiO, SO and H2 (Lee, 2020). The
high-pressure gas between the two shock layers is pressed sideways and interacts
with the ambient medium (Arce et al., 2007). This sideways motion of the gas results
in broad wings surrounding the jet (Fig. 2 b).

The launching of protostellar jets is strongly connected to the accretion of gas
(Section 1.4). Since the accretion of protostars is episodic rather than continuous,
the launching of jets is episodic too (Vorobyov et al., 2018; Machida & Basu, 2019;
Sicilia-Aguilar et al., 2020). The rapidly ejected high-velocity gas interacts with the
slower cavity gas to form bow shocks along the jet axis. These intermediate bow
shocks – often called "out�ow bullets" – are similar to the leading bow shock and
show wings that redirects the gas into sideways motion (Tafalla et al., 2017; Jhan &
Lee, 2021). Out�ow bullets are a frequently observed characteristic of protostellar
out�ows (e.g. Cheng et al., 2019; Tychoniec et al., 2019; Vazzano et al., 2021), and
most often traced by shock tracers such as SiO, SO and CO (Lefèvre et al., 2017;
Jhan & Lee, 2021; Lee et al., 2021). An example of out�ow bullets can be seen in
Fig. 2. In position-velocity diagrams, out�ow bullets – in this context often called
"Hubble Wedges" – stand out as high-velocity �ngers from the otherwise linear
position-velocity relation (Bachiller et al., 1990; Lada & Fich, 1996; Arce & Good-
man, 2001; Wang et al., 2014, 2019; Nony et al., 2020). The spacing and velocity of
the out�ow bullets give insight into the accretion and ejection behaviour of their
launching protostars (Bally, 2016; Lee, 2020). A frequently observed characteristic
of episodic out�ows is a bimodality of the time scale between two ejection events
(Jhan & Lee, 2021, or the review by Lee 2020). Vorobyov et al. (2018) �nd a spa-
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cing between bullets corresponding to quiescent phases between ejection events of
� 103 � 104 years and substructure within these bullets of � 10 � 100 years. Once
these out�ow bullets break out of their dense core and are observable in the optical
spectrum, they are referred to as "Herbig-Haro" objects, often spanning parsec scale
long chains (Reipurth et al., 1997, 1998; Cortes-Rangel et al., 2020; Ferrero et al.,
2020; Movsessian et al., 2021).

Out�ows are con�ned by cavity walls, which are compressed layers of dense
gas. These cavity walls are mostly molecular (Bally, 2016) and might cause an
enhancement of complex molecule formation (Arce et al., 2008; Drozdovskaya et al.,
2015). The cavities interior is �lled with low-velocity, low-density entrained gas.
Sideways moving gas, redirected from the leading and intermediate bow shocks,
together with the wide-angle wind, hit and compress the cavity wall. Therefore,
the cavity wall moves almost perpendicular to the out�ow axis and widens over
time (Arce & Sargent, 2006; Seale & Looney, 2008; Velusamy et al., 2014; Hsieh
et al., 2017).

Another evolutionary trend of out�ows – besides widening of the cavities and
becoming increasingly atomic and ionised – is a diminishing out�ow activity with
evolutionary stage (Curtis et al., 2010; Y�ld�z et al., 2015; Bally, 2016; Mottram et al.,
2017; Vazzano et al., 2021; Podio et al., 2021; Sperling et al., 2021). Tanabe et al.
(2019) �nd in a sample of 44 out�ows with an average dynamical age of 3.8 kyr
an average mass-loss rate of 1.7� 10� 5 M � yr � 1. Combining observational results
for young out�ows of many authors, Lee (2020) �nd mass-loss of � 10� 6 M � yr � 1

for Class 0 sources. During the Class I and II phase these mass-loss rates decrease
to � 10� 10 M � yr � 1 (Ellerbroek et al., 2013; Lee, 2020). This decrease in out�ow
activity is correlated with an diminishing accretion rate from � 10� 5 during Class
0 phase to � 10� 9 M � yr � 1 during Class II phase (Ellerbroek et al., 2013; Lee, 2020).
While the mass-loss and accretion rate decrease with evolutionary stage, the ratio of
both, namely the ejection ef�ciency, stays rather constant at � 0.1 in good agreement
with predictions from the launching models (Shu et al., 1988; Pelletier & Pudritz,
1992; Calvet et al., 1993; Hartmann & Calvet, 1995; Ellerbroek et al., 2013; Bally,
2016; Lee, 2020).

Out�ow feedback has a tremendous impact on the star formation processes it
accompanies. Protostellar out�ows are the �rst rung of a ladder of increasingly im-
pactful feedback mechanism (Bally, 2016). Especially for cores and clouds forming
mostly low-mass stars, where other feedback mechanisms such as stellar winds,
ionising radiation or supernovae do not come into play, protostellar out�ows are
the dominant feedback mechanism, (e.g. Nakamura & Li, 2007; Hansen et al., 2012;
Federrath et al., 2014; Krumholz et al., 2014; Li et al., 2018; Cunningham et al., 2018).
Out�ows inject a signi�cant amount of energy and momentum on scales of a few
AU to several parsecs (Arce et al., 2007).

On core scales, the initially ejected jet and wide-angle wind entrain secondary
envelope material, unbinding up to � 50 % of the initial core mass (Lee et al.,
2000; Arce et al., 2007; Machida & Matsumoto, 2012). The associated out�ow lobes
block the accretion from these directions onto the protostar, therefore reducing the
accretion rate onto the protostar Guszejnov et al. (2021). Since out�ow feedback is
accretion powered, the reduction in accretion rate causes a feedback loop resulting
in self-regulated out�ow feedback (Myers, 2008; Federrath et al., 2014). The injected
energy and momentum might disperse the core and terminate the whole accretion
process (Myers, 2008; Zhang et al., 2016; Bally, 2016). Overall, out�ow feedback
reduces the core-to-star ef�ciency to about 0.25 - 0.5 (Zhang et al., 2016; Tabone
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et al., 2017).
On molecular cloud scales, the impact of out�ow feedback depends on the size

of the cloud. In smaller clouds, out�ow feedback is suf�cient to sustain the level of
turbulence, delay collapse and even disrupt the whole cloud (Matzner & Jumper,
2015; Drabek-Maunder et al., 2016; Feddersen et al., 2020; Guszejnov et al., 2021).
However, this is probably not the case for more massive giant molecular clouds
(Arce et al., 2010; Nakamura & Li, 2014; Tanabe et al., 2019; Li et al., 2020; Guszejnov
et al., 2021). Guszejnov et al. (2021) �nd that out�ows disrupt accretion �ows and
trigger star formation leading to a more realistic initial mass function.
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SMOOTHED PARTICLE HYDRODYNAMICS

Smooth Particle Hydrodynamics (SPH) is a numerical technique independently de-
veloped by Lucy (1977) and Gingold & Monaghan (1977) to solve astrophysical
problems. Today, modern SPH formulations �nd use in a broad range of �elds
such as engineering or geophysics (Springel, 2010; Lind et al., 2020). The unique
feature of SPH is that the gas is discretised in a �nite number of particles – the "P" in
SPH – with a �xed mass. In a Lagrangian fashion, these particles are advected with
the �ow and store gas properties, such as energy and momentum. The Lagrangian
frame of reference has some bene�ts compared to grid-based Eulerian methods.
Particles moving with the �ow naturally cause a high resolution in dense regions.
Especially for star formation simulations with a huge dynamic range in density,
this property is very convenient. Since the mass of a particle never changes, mass
is naturally conserved in SPH simulations. Moreover, momentum and angular mo-
mentum are conserved too. In principle, even energy and entropy are conserved,
but only if viscosity is neglected. One of the biggest drawbacks of SPH is that vis-
cosity must be added arti�cially, which is a major error source. In the following, I
give a brief overview of the SPH technique with a focus on the implementation in
Gandalf (Hubber et al., 2018).



2.1. EULER EQUATIONS 15

2.1
Euler Equations

The "H" in SPH stands for hydrodynamics, referring to the goal of solving the equa-
tions of hydrodynamics, often called "Euler equations". These equations describe
the �ow of gases, such as in star forming regions. Considering inviscid gases and
no additional force terms, the Euler equations in the Lagrangian form read as

dr
dt

+ r r u = 0 , (2.1)

du
dt

+
r P
r

= 0 , (2.2)

du
dt

+
P
r

r u = 0 . (2.3)

Where d/ dt = ¶/ ¶t + ur is the convective derivative. Each of these equations
covers a fundamental conservation law, respectively mass, momentum and energy.
Except for some special cases, there are no analytical solutions to this problem.
Therefore, to evolve the gas in time, this system of differential equations must be
solved numerically. One of these numerical methods often used in modern astro-
physics is Smooth Particle Hydrodynamics.

2.2
Basic SPH formulation

The "S" in SPH refers to smoothing the properties carried by the SPH particles. A
kernel, W, is used to smooth a property, A, de�ned at the particles' positions, r0,
into a continuous �eld, de�ned at any position, r,

hA(r)i =
Z

V
A(r0) W(jr � r0j, h) dV . (2.4)

Here, h refers to the smoothing length on which the kernel, W, operates. Since
in SPH the gas is modelled by a �nite number of particles, the volume integral is
approximated by the sum over all particles

hA(r)i =
npart

å
j

A(r j ) W(jr � r j j, h)
Mpart

r j
. (2.5)

The volume element, dV, is replaced by the associated volume of an SPH particle,
e.g. the mass of a particle divided by its density Mpart / r j .

The summation over all particles is similar to a Monte-Carlo integration; increas-
ing the number of particles reduces the integration error (Dehnen & Aly, 2012).
Since the particles are at least in the close vicinity of r roughly equally spaced, the
accuracy is signi�cantly better than for a random distribution in a Monte-Carlo in-
tegration. Theoretically, SPH is a second-order algorithm (Monaghan, 2005). How-
ever, the somewhat irregular particle distribution causes the convergence order to
drop to 1.1 - 1.8 (Quinlan et al., 2006; Lind et al., 2020).
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The �eld variable A can be any property carried by the SPH particles. For the
density, Eq. 2.5 takes the convenient from

hr (r)i =
npart

å
j

Mpart W(jr � r j j, h) , (2.6)

only dependent on the particles' positions and masses. Vector-�elds, B, are com-
puted in the same way

hB(r)i =
npart

å
j

B(r j ) W(jr � r j j, h)
Mpart

r j
. (2.7)

Another convenient property of the SPH formulation is that derivatives of �eld vari-
ables simply become derivatives of the kernel r W(r � r i , h), which are in general
pre-calculated,

hr A(r)i =
npart

å
j

A(r j ) r W(jr � r j j, h)
Mpart

r j
. (2.8)

2.3
Smoothing kernel

The kernel used in Eq. 2.4-2.8 can be any function that satis�es the following con-
ditions. The kernel must (i) be normalised

Z

V
W(jr � r0j, h) dV = 1 , (2.9)

(ii) be at least two times differentiable and (iii) approximate a Dirac d-function as
the smoothing length tends towards zero

lim
h! 0

W(jr � r0j, h) = d(jr � r0j) . (2.10)

Additionally, it is bene�cial if the kernel has a �nite support. In contrast to the
historically used Gaussian (Gingold & Monaghan, 1977), kernels with �nite support
cut the computational cost by just considering the particle in the close vicinity. For
a kernel with �nite support Eq. 2.5 becomes

hA(r)i =
nneib

å
j

A(r i ) W(jr � r j j, h)
Mpart

r j
, (2.11)

where nneib is the number of neighbours within the kernel instead of all particles.
Thereby, particles far away from r do not in�uence local properties such as density
or temperature.

A frequently used kernel is the M4 kernel

W(r, h) =
1

p h3

8
>><

>>:

1 � 3
2s2 + 3

4s3 if 0 � s < 1
1
4(2 � s)3 if 1 � s � 2 .

0 if s > 2

(2.12)

The M4 kernel ful�ls the above mentioned conditions and has a �nite support of
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two smoothing length, s � r/ h < 2. The �rst spacial derivative is

dW(r, h)
dr

=
1

p h4

8
>><

>>:

� 3s+ 9
4s2 if 0 � s < 1

3
4(2 � s)2 if 1 � s � 2 .

0 if s > 2

(2.13)

An alternative to the M4 kernel is the Quintic kernel that utilises a higher-order
spline and extends to 3 h. These spline kernels suffer from a phenomenon called
"pair-instability", causing particles to stick at each other when the number of particles
in the kernel exceeds a certain threshold. Wendland kernels avoid this problem and
are therefore a viable alternative (Dehnen & Aly, 2012).

2.4
Smoothing length

The smoothing length de�nes on which spatial scales the smoothing kernel oper-
ates. Thereby, the smoothing length, in combination with the choice of the kernel,
determine the spatial resolution. A larger smoothing length results in a lower error
due to noise. However, there is a trade-off between noise and spatial resolution.
In addition, too large smoothing length might trigger the above-mentioned pair-
instability.

Historically the smoothing length used to be �xed for all particles. However,
moving to individual smoothing length opens up the full potential of adaptive re-
�nement (Monaghan, 2002). The idea is to keep the number of particles within the
kernel roughly constant. This is equivalent to assuming a constant mass within the
kernel

r h3
i = h Mpart . (2.14)

Here, h is a parameter used to scale the number of neighbours. Since the de�nition
of the smoothing length,

hi = h
�

Mpart

r i

� 1
3

, (2.15)

depends on the density and the density itself is a function of the smoothing length
(Eq. 2.6), both are found iteratively. In Hubber et al. (2018) the default h = 1.2
resulting in on average 58 neighbours for the M4 kernel (Price & Monaghan, 2004).

2.5
Euler equation in SPH formulation

To numerically solve the Euler equations (Eq. 2.1 - 2.3), one needs a discretised
version of these equation that are formulated using SPH quantities. The mass con-
servation equation can be ignored since the mass of SPH particles never changes,
and therefore Eq. 2.1 is ful�lled anyway.

Springel & Hernquist (2002) propose a "grad-h" formulation of SPH, which is
also adopted by Hubber et al. (2018), where they discretise the corresponding Lag-
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rangian

L sph =
npart

å
j

Mpart

�
1
2

u2
j � uj

�
, (2.16)

with uj and uj being the velocity and internal energy of particle j. From this Lag-
rangian they derive a SPH version of the momentum equation (Eq. 2.2)

dui

dt
= �

nneib

å
j

Mpart

 
Pi

Wi r 2
i

r W(r i j , hi ) +
Pj

Wj r 2
j

r W(r i j , hj )

!

(2.17)

and the energy equation (Eq. 2.3)

dui

dt

�
�
�
�
comp

=
Pi

Wi r 2
i

nneib

å
j

Mpart ui j � r W(r i j , hi ) . (2.18)

Here, Wi denotes a correction factor that accounts for variable smoothing length
of particle i's neighbours, r i j = jr i j j = jr i � r j j and ui j = ui � uj . Since the
SPH version of the Euler equations is directly derived from Lagrangian mechanics,
energy, momentum and angular momentum conservation is guaranteed. However,
additional modi�cations, e.g. individual particle timesteps, may cause that actual
conservation is not achieved in practice (Hubber et al., 2018).

2.6
Artificial viscosity

The SPH formulation, including the Euler equations (Eq. 2.1 - 2.3), discussed so
far is completely inviscid. Viscosity is especially important for an accurate descrip-
tion of shocks, e.g. in protostellar out�ows, to allow the conversion of kinetic into
thermal energy. To correctly describe viscous �uids one would need to solve the
Navier-Stokes equation, and there are SPH formulations that do exactly that (Sijacki
& Springel, 2006). However, the more common approach is to add arti�cial viscos-
ity terms to the Euler equations. Hubber et al. (2018) add an additional force term
to the momentum equation (Eq. 2.17)

dui

dt

�
�
�
�
visc

=
nneib

å
j

Mpart

r i j
a usig mi j r W(r i j , hi , hj ) (2.19)

and a corresponding source term to the energy equation (Eq. 2.18)

dui

dt

�
�
�
�
visc

= �
nneib

å
j

Mpart

r i j

a usig m2
ij

2
r̂ i j r W(r i j , hi , hj )

+
nneib

å
j

Mpart

r i j
a u0

sig (ui � uj ) r̂ i j r W(r i j , hi , hj ) ,

(2.20)

such that the energy is conserved (Monaghan, 1997). The heating and cooling rates
due to compression (Eq. 2.18) and viscosity follows as

dui

dt

�
�
�
�
hydro

=
dui

dt

�
�
�
�
comp

+
dui

dt

�
�
�
�
visc

. (2.21)
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Since the viscous force between particle i and j is antisymmetric, momentum and
angular momentum are still conserved. Here,

W(r i j , hi , hj ) =
W(r i j , hi ) + W(r i j , hj )

2
, (2.22)

is a symmetrized kernel, r i j = ( r i + r j )/2 denotes the mean density, mi j = min (0,ui j �
r i j ) and r̂ i j = r i j / r i j . The signal speed for the arti�cial viscosity is

usig = ci + cj � b ui j � r̂ i j (2.23)

and

u0
sig = jui j � r̂ i j j (2.24)

for the arti�cial conductivity with with ci the isothermal sound speed of particle i.
The strength of the arti�cial viscosity is regulated by the parameters b = 2a of
unity order (Morris & Monaghan, 1997).

This arti�cial viscosity description allows SPH to capture shocks but comes
with the drawback that now inviscid �ows are modelled incorrectly. To mitigate
this problem, most SPH codes incorporate time-dependent viscosity switches. The
switch used in this work was proposed by Cullen & Dehnen (2010). Each particle
has its own time-dependent ai viscosity parameter. If the particle encounters a
shock, ai rises to a prede�ned value and decays afterwards. Compared to previ-
ous methods, the switch by Cullen & Dehnen (2010) reduces unwanted arti�cial
viscosity in accretion discs much more ef�ciently.

2.7
Gravity

The star formation process is mainly driven by the self-gravity. However, the im-
plementation of self-gravity is not trivial; simply computing the gravitational accel-
eration between all particles

dui

dt

�
�
�
�
grav

= �
npart

å
j

G Mpart r̂ i j

r2
ij

(2.25)

is generally not an option for two reasons. The �rst reason is that this would
result in an computationally expensive O(N 2) problem, which will be discussed
later. The second reason is that if two particles lie within a smoothing kernel, the
gravitational force needs to account for the smoothing to avoid numerical artefacts.
Price & Monaghan (2007) propose a method that accounts for kernel smoothed
gravity and does not break any conservation properties. Just as one may derive
the momentum equation (Eq. 2.17) from the Lagrangian, the same may be done
to determine the gravitational acceleration. Price & Monaghan (2007) formulate an
additional gravity term that is added to the SPH Lagrangian (Eq. 2.16)

L grav =
npart

å
i

Mpart y i (2.26)
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with the gravitational potential

y i = �
G
2

npart

å
j

Mpart
f (r i j , hi ) + f (r i j , hj )

2
. (2.27)

Here, f is the gravitational potential kernel, which is derived by integrating the the
gravitational force kernel

f (r, h) =
Z

f 0(r, h)dr . (2.28)

The gravitational force kernel itself is obtained from the smoothing kernel, W(r, h),
as

f 0(r, h) =
4p
r2

Z r

0
W(r, h)r0dr0. (2.29)

For W(r, h) being the M4 kernel (Eq. 2.12) the gravitational force and potential
kernels take the form

f 0(r, h) =

8
>><

>>:

h� 2
�

4
3 s � 6

5 s3 + 1
2 s4

�
if 0 � s < 1

h� 2
�

8
3 s � 3s2 + 6

5 s3 � 1
6 s4 � 1

15s3

�
if 1 � s < 2

r � 2 if s � 2

(2.30)

and

f (r, h) =

8
>><

>>:

h� 1
�

2
2 s2 � 3

10 s4 + 1
10 s5 � 7

5

�
if 0 � s < 1

h� 1
�

4
3 s2 � s3 + 3

10 s4 � 1
30 s5 � 8

5 + 1
15s

�
if 1 � s < 2 .

� r � 1 if s � 2

(2.31)

From the modi�ed Lagrangian (Eq. 2.16 and 2.26) the additional acceleration
due to self-gravity can be derived as

dui

dt

�
�
�
�
grav

= � G
npart

å
j

Mpart
f 0(r i j , hi ) + f 0(r i j , hj )

2
r̂ i j

�
G
2

npart

å
j

Mpart

 
xi

Wi
r Wi (r i j , hi ) +

xj

Wj
r Wi (r i j , hj )

!

.

(2.32)

The factor xi is derived as

xi =
¶hi

¶r i

nneib

å
j

Mpart
¶f (r i j , hi )

¶hi
. (2.33)

Eq. 2.32 describes the acceleration of a particle due to the gravitational attrac-
tion of all other particles in the simulation. The difference to the hydrodynamical
forces is that gravity has an in�nite range, which manifests as a non zero term in
gravitational force kernel for s > 2 (Eq. 2.30). For state of the art simulations with
many particles, this O(N 2) scaling behaviour is disadvantageous and would cause
high computational costs. Therefore, modern codes approximate the attraction of a
distant group of particles on the gravitational acceleration of particle i. Instead of
computing the acceleration to all of these particles individually, one only considers
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their combined mass at their centre of mass position.
The most common way to determine which particles can be approximated as a

group and which must be taken care of individually is a tree. Trees are hierarchical
data structures where the highest level combines references to all elements, here
particles, and splits them subsequently into smaller groups, called "nodes". Fre-
quently used trees are KD-trees (Bentley, 1975) or Barnes-Hut trees (Barnes & Hut,
1986). A KD-tree subsequently divides the simulation domain in two such that each
half, called "children", contains the same number of particles. The division repeats
multiple time with the splitting alternating along the x, y and z-axis. The highest
level node is called the "root", whereas the bottom nodes are called "leaves".

When computing the gravitational force, one "walks the tree" down from the root
towards the leaves and evaluates at each node whether all particles in this domain
can be approximated with a single point mass or if the node must be broken up
further. A possible opening criterion that a node at a distance d with size s has to
ful�l is

s
d

� qmax , (2.34)

where qmax is a pre-de�ned maximum opening angle. The smaller the maximum
opening angle, the more nodes are opened up, and the approximation approaches
the exact solution.

Using such a tree structure reduces the computational complexity of self-gravity
from O(N 2) to O(N log(N )) . Moreover, the tree is also used to �nd the neighbours
of a given particle ef�ciently for other calculations.

2.8
Radiative heating and cooling

So far, the gas internal energy is only affected by compression (Eq. 2.18) and vis-
cous heating (Eq. 2.20). However, radiative heating (e.g. from stars, the background
radiation �eld or cosmic rays) as well as radiative deexcitation of molecules, atoms
and ions and black body radiation from dust, are the main regulators of the inter-
stellar mediums (ISM) temperature. To correctly treat the effects of radiation, one
would need to solve the full radiative transfer (RT) equation, which is not feasible
with current computation resources. There are SPH-RT methods that approximate
radiative transfer (e.g. Pawlik & Schaye, 2008; Grond et al., 2019; Chan et al., 2021),
but they are still computationally expensive and complex to implement.

On the other hand, the most straightforward way to approximate the ISM's
thermal behaviour is to use a barotropic equation of state (EOS). There, the gas
temperature and pressure depends only on the density. The barotropic EOS com-
bines an isothermal EOS for low-density, optically thin regions with an adiabatic
EOS for dense, optically thick regions (e.g. Masunaga & Inutsuka, 2000). However,
the barotropic EOS is often a strong oversimpli�cation, e.g. disc fragmentation is
not well captured.

To obtain a more appropriate description of the gas thermodynamics compared
to a simple barotropic EOS, without the need to perform the full radiative transfer,
I implemented the method by Stamatellos et al. (2007) into Gandalf to capture
thermal and radiative effects. This method computes heating and cooling rates for
each particle individually just from their local density, temperature and gravita-
tional potential. The gravitational potential, y i , is already calculated (Eq. 2.27) and
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represents the particle's larger-scale environment.
To better differentiate between optically thin and thick regions, Stamatellos et al.

(2007) introduce a pseudo-cloud around each SPH particle. The density and tem-
perature pro�le of this pseudo cloud are modelled with a polytrope of index n = 2.
The particle's position in the cloud is not �xed, instead it may take any position
within this pseudo-cloud (for a use full illustration see �gure 1 and 2 in Stamatellos
et al., 2007). For each position of the SPH particle within the pseudo cloud, the
parameter of the pseudo cloud are adjusted such that the density and temperature
at the position within the pseudo cloud match that of the generating SPH particle.
Dependent on the particle's density and gravitational potential, a mass weighted,
pseudo-mean column-density, S̄i is estimated by integrating from any possible po-
sition within the pseudo-cloud to its edge

S̄i = zn

�
� y i r i

4p G

� 1
2

. (2.35)

Here, zn is precomputed factor, dependent on the polytropic index n, with z2 = 0.368
as the default value. In a similar way pseudo-mean opacities, k̄r (r , T) are precom-
puted and stored in a look-up table.

The relation between internal energy and temperature depends on many factors.
Stamatellos et al. (2007) assume the gas consists of 70 % hydrogen and 30 % helium,
for which they compute the fraction of molecular, atomic and ionised particles using
the Saha equation (e.g. Black & Bodenheimer, 1975). The internal energy descrip-
tion accounts for ionisation and dissociation, for rotational and vibrational degrees
of freedom and optical depth effects such as ice and metal grains and electron scat-
tering. The internal energy depends only on the density and temperature, ui (r i , Ti ),
and is stored as a pre-calculated lookup table.

With the pseudo-mean column density (Eq. 2.35) and opacity the additional
heating or cooling due to radiation can be written as

dui

dt

�
�
�
�
rad

=
4ssb

�
T4

0 (r i ) � T4
i

�

S̄2
i k̄R(r i , Ti ) + k� 1

p (r i , Ti )
(2.36)

Here, sob is the Stefan-Boltzmann constant and kp(r i , Ti ) is the Planck-mean opacity.
The background temperature, T0, is de�ned as

T4
0 (r) = ( 10 K)4 +

n?

å
s

L?,s

16p sob jr � r?,sj2
(2.37)

and accounts for the background radiation �eld as well as the pseudo background
temperature �eld caused by the luminosity, L?, of the stars in the simulation, n?. In
Paper II the stellar evolution model by Offner et al. (2009) is introduced to compute
the luminosity of each star.

Instead of adding Eq. 2.36 to the energy equation (Eq. 2.21), which would cause
very small timesteps, Stamatellos et al. (2007) propose a different scheme to update
the internal energy. First an equilibrium temperature, Tequi , where the heating and
cooling from compression and viscosity (Eq. 2.21) balance the heating and cooling
from radiation (Eq. 2.36), is computed from

dui

dt

�
�
�
�
hydro

+
4ssb

�
T4

0 (r i ) � T4
equi

�

S̄2
i k̄R(r i , Tequi ) + k� 1

p (r i , Tequi )
= 0 . (2.38)
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Then, a thermalization timescale is estimated as

t therm ,i = (uequi ,i � ui )
�

dui

dt

�
�
�
�
hydro

+
dui

dt

�
�
�
�
rad

� � 1

, (2.39)

where uequi ,i = u(r i , tequi ,i ) is the tabulated internal energy for the equilibrium
temperature. Finally the internal energy is updated as

ui (t + Dt) = ui (t) exp
�

�
Dt

t therm ,i

�
+ uequi ,i

�
1 � exp

�
�

Dt
t therm ,i

��
. (2.40)

Here, t is the simulation time and Dt the timestep.
This method is very ef�cient since it requires only local SPH quantities that are

either already computed or tabulated. Therefore, it is a good compromise between
a computationally more expensive radiative transfer code and a simple barotropic
EOS.

2.9
Time integration

Section 2.8 describes the time integration of the energy equation (Eq. 2.18). The
momentum equation (Eq. 2.17) with the additional terms due to viscosity (Eq. 2.19)
and gravity (Eq. 2.32) are integrated using a second-order Leap-Frog kick-drift-kick
(KDK) scheme. Particle i's position and velocity at step n are updated by the KDK
scheme as

rn+ 1
i = rn

i + un
i Dt +

1
2

an
i Dt2 , (2.41)

un+ 1
i = un

i +
1
2

�
an

i + an+ 1
i

�
Dt . (2.42)

Here, the acceleration is only computed once, but is taken into account at the begin-
ning, an

i , and at the end of a timestep, an+ 1
i , which effectively halves the timestep

Dt. The KDK scheme is symplectic and therefore comes with a bound energy error,
which is especially use full for self-gravitating gas, e.g. in an accretion disc, as it
prevents the orbits from drifting.

2.10
Timesteps

SPH codes a use Courant (CFL) condition,

Dt i = fc
hi

ci + jr ui j + e
, (2.43)

to limit the timesteps such that SPH particles can not cross their smoothing kernel
in less than a timestep. Here, fc = 0.15 is a free parameter with the constraint that
fc < 1 and e is a small number to prevent divisions by zero. As an addition to the
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CFL condition, G andalf uses an acceleration timestep limiter (Hubber et al., 2011),

Dt i = fa
hip

jai j + e
, (2.44)

limiting the the timesteps in regions with high accelerations, e.g. in the vicinity of
sink particles. Again, fa = 0.075 is a free parameter. The last condition used in
Gandalf is an energy rate timestep limiter,

Dt i = fu ui

�
dui

dt
+ e

� � 1

, (2.45)

with fu = 0.4. The ideal timestep of a particle is the smallest of these three
timesteps. Reducing fc , fa or fu makes the simulation more stable, but increases
the computational cost.

Ideal timesteps might differ greatly between different particles. Particles sitting
in the simulation's outskirts usually have much larger ideal timesteps than particles
close to a sink. To not evaluate these particles more often than necessary, most SPH
codes make use of block timestepping. In Gandalf , each particle is updated with
its own timestep, which is a binary multiple

Dt l = 2l Dtmin with l 2 [0, 1, 2, ...,lmax]. (2.46)

of the smallest time step in the simulation, Dtmin . Accordingly, particle i's block
timestep is the largest Dt l that is smaller than its ideal timestep (Eq. 2.43 - 2.45).
Assuming lmax = 9 is the highest allowed timestep level, then a particle on the
lowest level receives 2lmax = 512 times more updates than a particle on the highest
level.

Neighbouring particles are only allowed to have a timestep level difference of
Dl = 1 to avoid situations where a particle with a long individual timestep does not
react to an incoming shock front. At the end of a full timestep Dtmax = 2lmax Dtmin

all particles are at the same timestep and can be synchronised.

2.11
Sink particles

During the gravitational collapse in which stars form out of dense cores, the density
continuously increases. In the SPH formulation, high mass densities correspond to
a high density of SPH particles. Due to the CFL timestep criterion (Eq. 2.43), this
leads to continuously decreasing timesteps until it becomes infeasible to continue
the simulation. Bate et al. (1995) propose sink particles to mitigate this problem.
They replace gravitationally bound, dense objects with a single unsmoothed sink
particle and therefore limit the timestep. Sink particles are unsmoothed and interact
only gravitationally with the rest of the simulation. Neighbouring bound particles
might be accreted onto the sink, thereby transferring their mass, momentum and
angular momentum onto the sink particle.

Once a sink accretes particles, they are not able to leave the sink ever again. To
avoid situations in which a particle would later leave the dense region again, certain
requirements for the formation of sinks, and the accretion of particles onto it, must
be ful�lled. These requirements may differ between SPH codes. Here, I focus on
the ones proposed by Hubber et al. (2013) that are implemented in Gandalf . For
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an SPH particle to turn into a sink particle, it must

• have a density greater than a pre-de�ned threshold density, r sink .

• have the lowest gravitational potential (Eq. 2.27) among all neighbours.

• not have an overlapping smoothing kernel with another sink particle.

• have a density greater than r hill . Where

r hill = �
3 (r is � ais)

p G r2
is

(2.47)

with i the candidate particle, s an already existing sink particle and ais the ac-
celeration between the two. This criterion ensures that if a sink particle forms
in another sink particle's vicinity, the new one dominates the gravitational
attraction.

• be able to collapse within a free fall time, t ff ,i , before reaching another sink
particle, s, corresponding to (Clarke et al., 2017)

t ff ,i <
r is

r̂ is uis
, (2.48)

r i >
3p
32 G

�
r̂ is uis

r is

� 2

. (2.49)

In previous implementations of sink particles, the accretion criteria are only that the
SPH particle is within the accretion radius of the sink and gravitationally bound to
it. Almost all particles within the accretion radius are immediately accreted, leaving
an empty void around the sink as a consequence. The lack of particles causes an
arti�cial pressure towards the sink. Hubber et al. (2013) propose a sub-grid model
mitigating this problem. Particles are not accreted directly but slowly over time such
that the vicinity of the sink is not empty, improving the hydrodynamical behaviour
of the gas surrounding the sinks.

For this work, sink particles also serve as star particles; each sink is considered
to be a single star. In Paper Iand Paper II, I will introduce several additional sub-grid
models that all operate on the sinks.

2.12
Alternatives to SPH

Historically SPH and �nite-volume grid codes are the two options used in astro-
physical simulations. Both have different strengths and weaknesses. Grid codes
do not conserve angular and linear momentum at the same time, and the grid
axis might lead to artefacts. Adaptive mesh re�ning codes, such as flash (Fryxell
et al., 2000) mitigate the lack of adaptive resolution. Advantages of grid codes com-
pared to SPH codes are the high accuracy and fast convergence due to high-order
Riemann solvers. Moreover, there is no need for arti�cial viscosity since Riemann
solvers accurately capture shocks with substantial dissipation.
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In recent years, methods evolved that try to combine the advantages of Eulerian
grid and Lagrangian SPH codes. Moving mesh (MM) codes, such as arepo (Wein-
berger et al., 2020), advance particles in a Lagrangian fashion and therefore have a
similar adaptive resolution as SPH. These particles are the base of a �nite-volume
Voronoi grid. Similar to standard grid codes, Riemann solvers compute �uxes at
the cell boundaries with high precision. The unstructured grid adapts to interfaces
and prevents grid artefact. However, the Voronoi tessellation is computationally
expensive and angular momentum is not conserved.

An alternative to moving mesh codes are mesh-less �nite-volume (MFV) or
�nite-mass (MFM) codes that are somewhat closer to SPH codes than MM codes
(Hopkins, 2015). There, the volume associated with a given particle is computed
using a kernel function instead of the Voronoi tessellation for MM codes. The dif-
ference is that in MFM interfaces are smooth, and a volume element at the boundary
belongs partially to more than one particle, whereas MM codes have a sharp parti-
tion (see Fig. 1 in Hopkins, 2015, for an intuitive visualisation). Compared to MM,
the MFM method features angular momentum conservation at the cost of higher
noise. Hubber et al. (2018) �nd (similar to Hopkins (2015) for the G izmo code) that
the MFM implementation in G andalf is superior to the SPH method. They �nd
that MFM, compared to SPH, has better convergence properties, is better at shock
capturing, less noisy and does not need arti�cial viscosity. I performed the simu-
lations in this work with pure grad-h SPH because the implementation of MFM in
Gandalf was not yet available when I started.
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THE RESEARCH

Protostellar out�ows are a ubiquitous signpost of the star formation process (Podio
et al., 2020) emerging already during the earliest stages of star formation (Busch
et al., 2020; Vazzano et al., 2021). While the out�ow carves out a cavity (Duncan
et al., 2021) that widens over time (Hsieh et al., 2017), the initially ejected gasentrains
secondary core material (Zhang et al., 2017). Therefore, out�ow feedback reduces
the star formation ef�ciencyto about 50% (Machida & Hosokawa, 2013; Tabone et al.,
2017) in a self-regulatedmanner (Cunningham et al., 2018) and shifts the peak of
the IMF closer to observed values (Bate, 2012; Guszejnov et al., 2021). Numerous
authors are working on numerical simulations to study the launching of protostellar
out�ows as well as their impact on the envelope (Banerjee et al., 2007; Seifried et al.,
2012; Price et al., 2012; Bate et al., 2014; Tomida et al., 2015; Offner & Chaban, 2017;
Li et al., 2018; Cunningham et al., 2018; Machida & Basu, 2019; Rosen et al., 2020;
Guszejnov et al., 2021). However, none of these works focuses especially on episodic
out�ow feedback.

As the accretion of protostars is observed to be episodic (Takagi et al., 2020),
such are the out�ows (Jhan & Lee, 2021; Lee et al., 2021), since both processes are
highly connected (Vorobyov et al., 2018; Machida & Basu, 2019; Sicilia-Aguilar et al.,
2020). Episodic out�ow bullets stand out in observed position-velocitydiagrams as
high-velocity Hubble Wedges(Arce & Goodman, 2001; Wang et al., 2019; Nony et al.,
2020). How these wedges relate to the linear position-velocity relation in terms of
an evolutionary sequence is from great interest.

Since the accretion and ejection of gas are linked, out�ows carry fossil records
of the accretion history(Nony et al., 2020). Observers use kinematic information of
the out�ows and their bullets to infer stellar properties, such as the accretion rate
(Li et al., 2020). Dynamical agesof out�ows and their bullets (Zhang et al., 2005;
Downes & Cabrit, 2007; Mottram et al., 2017; Li et al., 2020), the decline inout�ow
activity (Curtis et al., 2010; Y�ld�z et al., 2015; Vazzano et al., 2021) and thewidening
of out�ow cavities(Arce & Sargent, 2006; Hsieh et al., 2017) might give a glimpse
on the protostellar age or evolutionary stage. While these methods are frequently
used, it is still unclear how accurate they are.

Only about half of the �eld stars are single stars like our sun; all other stars
are in binary or even higher-order multiple systems (Raghavan et al., 2010). The
multiplicity fraction during the early stage of star formation is even higher (Duchêne
et al., 2007; Pineda et al., 2015; Tobin et al., 2016; Shan et al., 2017; Duchêne et al.,
2018; Tobin et al., 2018; Kounkel et al., 2019). Therefore, most stars do not form
in isolation but in a multiple system. Since only binary systems are genuinely
stable, it is of great interest which factors in�uence the chances of higher-order
multiple systems to stay intact or break apart. Binary systems are observed to occur
frequently as so-called "twin" binaries where both components have roughly the
same mass (Lucy, 2006; Simon & Obbie, 2009; Kounkel et al., 2019). The in�uence
of episodic out�ow feedback on the stability of multiple systems and the occurrence
of twin binaries has not been studied so far.
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This thesis aims to better understand the impact of episodic out�ow feedback
on the evolution and outcome of low-mass star formation. A new episodic out�ow
feedback model for SPH simulations is developed, extended and tested. Using this
new model, simulations with and without episodic out�ow feedback are compared
to study the impact of out�ow feedback on the star formation process. In the last
step, the simulated out�ows are used to test the accuracy of widely used methods
to infer protostellar ages and accretion rates from these out�ows. The main work of
this thesis is presented in three publications which I will introduce in the following.
The full publications are provided in Chapter 4, 5, and 6. In Chapter 7, I shortly
summarise and discuss the results and give an outlook for further investigation.

Paper I - Evolution of Hubble wedges in episodic protostellar out�ows(Rohde et al.,
MNRAS, 483, 2563, 2019)

The focus of this paper is to introduce the newly developed sub-grid, episodic out-
�ow feedback model. An ensemble of 19 simulations of 1 M � rotating cores with
a singular isothermal sphere (Shu, 1977) density distribution are performed. These
simulations differ in model parameters as well as mass resolutions. In order to com-
pare episodic and continuous out�ow feedback, three additional simulations with
continuous out�ow feedback are presented. The publication covers an extensive
resolution and parameter study of the new out�ow model. The simulations with
varying model parameter are used to discuss whether episodic out�ow feedback
is self-regulating. To study the in�uence of episodic out�ow feedback in a more
realistic environment, an additional simulation of a 2.7 M � core with a density dis-
tribution proportional to a Bonnor–Ebert sphere and an initially turbulent velocity
�eld is presented (Bonnor, 1956; Ebert, 1957). This simulation is used to compare
the simulated mass-velocity and position-velocityrelation to observations and study
Hubble wedgeswhich are characteristic for episodic out�ows.

Paper II - The impact of episodic out�ow feedback on stellar multiplicity and the star forma-
tion ef�ciency(Rohde et al., MNRAS, 500, 3594, 2021)

The goal of the second paper is to study the in�uence of episodic out�ow feedback
on the outcome of the star formation process, such as themultiplicity , the star forma-
tion ef�ciencyand the peak of the IMF. To model out�ow feedback more accurately,
the sub-grid out�ow model presented in Paper Iis improved by including a stellar
evolution model that allows for a more realistic description of the ejection velocity
and angular momentum extraction. A large ensemble of 88 simulations of 1 M �

cores with varying initial conditions, such as the core radius and virial ratio as well
as the turbulent mode and seed, are used to study the in�uence of these initial con-
ditions on the star formation process. The simulation ensemble consists of 44 sim-
ulations without out�ow feedback and 44 identical simulations but with episodic
out�ow feedback. These two samples are then compared in terms of star formation
ef�ciency, IMF, stellar multiplicity and the fraction of twin binaries. For the simu-
lations with out�ow feedback, the entrainmentfactor and out�owing gas mass are
analysed with a focus on the question of whether out�ow feedback is self-regulating.



29

Paper III - Protostellar Out�ows: a window to the past(Rohde et al., MNRAS, 510, 2552,
2022)

The focus of the third paper is to �nd out whether protostellar out�ows can be used
to infer the launching protostar's age, accretion history and evolutionary stage. For
the sample of simulations with out�ow feedback from Paper IIthe out�ow lobes are
detected using a k-means algorithm. Episodic out�ow bullets within these lobes
are extracted with the help of an O ptics algorithm. For these extracted lobes and
bullets dynamical agesare computed with four widely used methods. These four
methods, together with a newly developed method that takes into account two sub-
sequent out�ow bullets, are compared to the underlying simulations in terms of
accuracy. Out�ow mass, momentum and energy rates, indicating the out�ow activ-
ity , are computed using these dynamical ages to predict the launching protostar's
evolutionary stage. Similarly, the widening of out�ow cavitiesis studied with a fo-
cus on the accuracy of predicting the protostellar age. The out�ows and bullets
are used to predict continuous and episodic accretion rates, and the accuracy of
these estimates is discussed. Finally,Paper III showcases how this information can
be combined to reconstruct the accretion historyof a protostar.
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